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Our Current Models Failed to Explain Key Observations

The differences are not understood
and don’t match current models

Interstellar Probe Webinar 

Voyager spacecrafts lack instrumentation
capable to measure the weak magnetic
fields in the heliosheath and a key 
component of the plasma 



How and where the Anomalous Cosmic Rays (ACRs) 
accelerated?

Old paradigm: PUIs are accelerated at the Termination Shock to ACRs (MeV energies).
NOT seen at Voyager 1 and 2
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ACRs intensities evolve throughout the Heliosheath

The intensity peaked just 
before the Heliopause

Broad Implications for acceleration 
of particles in space physics and 
astrophysics
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Models predict a much thicker heliosheath than 
observations
Models predict 60-70AU while thickness was 28AU at V1 and 35AU at V2

Time Dependent effects cannot reconcile these measurements 

(Izmodenov et al. 2005; 2008)

ISM

300 AU

300 AU

Indicating that some 

physics is missing in the models
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How Porous is the Heliopause?

Voyager 1 Voyager 2

The Properties of the Heliopause are not understood 
The crossing of the Heliopause were drastically different at Voyager 1 and 2.
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Science Question A: 
What is the global structure of the heliosphere?
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Science Question B: 
How do Pick-Up Ions evolve from “cradle to grave”?
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FIGURE 1. Differential intensity

of protons in the heliosheath at

110 AU measured with LECP on

Voy-ager-1 [2,4] and energetic

neutral hydrogen atoms in the V-1

direc-tion observed recently with

IBEX [1] (corrected for extinction

[15]) and C a s s i n i  [2], and

measured from 1996-2006 by

SoHO [8] ±45° from the nose

direction.  The Cassini spectrum

shown is taken from [4]. Four

model EHA spectra are computed

(see text) from four HS proton

populations: (a) HS solar wind, (b)

HS pickup H
+ 

(c) heliosphere

pickup H
+
, and (d) –1.5 power law

tail protons.  The sum of all four

model spectra (bold curve)

matches the entire re-cently

observed EHA spectrum well

within the primarily system-atic

errors of the measurements.

(II) Quasi steady-state conditions apply, and adiabatic cooling is negligible.  (III) The
radial component of the solar wind speed, Vr(r), decreases with r as observed by LECP

[10] and approaches zero at the heliopause. (IV) There is a turbulent component to the
radial speed, δur(r), whose amplitude increases with r beyond rC (where rC is about 10
AU away from the heliopause), becoming comparable to the solar wind speed.  Only
by invoking (IV) can we explain the IBEX-LO ~0.16 keV EHA differential intensity.

METHODOLOGY

The energetic hydrogen atoms (EHAs) measured by IBEX-LO, IBEX-HI, Cassini

INCA and SoHO HSTOF shown in Fig. 1 are created from energetic protons in the

heliosheath by charge exchange with the interstellar hydrogen gas that permeates the

HS.  The governing equation for the production of EHAs is

where jEHA(EEHA) is the differential intensity of energetic hydrogen atoms at energy

EEHA= (2.28•10
-8
vEHA)

2
, jP (EP,r) is the differential intensity of heliosheath protons at

energy EP = (2.28•10
-8
vP)

2
, jP(EP,r) = 1.83 EP 

 
fP(EP,r),  fP(EP,r) is the phase space density

of HS protons at energy EP and distance r, and σ(EEHA) is the charge exchange cross

section at energy EEHA.  We neglect the small speed of the interstellar hydrogen gas and

use the Lindsay and Stebbings [11] expression for the H
+
 on H charge exchange cross

section.  The calculated density of interstellar hydrogen, N(r), increases slightly with r

and we take its value at the termination shock (rTS= 90 AU) to be (0.10±0.015) cm
-3
.

The heliocentric distance of the heliopause, RHP, is a free parameter.  Its current value

in the V-1 direction will be constrained by the published recent EHAs differential

intensity spectrum in the V-1 direction and the value of N at the TS.

(1)j
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(E
EHA

 ) =     j
P
(E

P
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 ) N(r)dr,∫

TS

HP

112

PUIs are particles with energy 
> ~0.5 keV (hotter than the 
thermal component of the 
solar wind)

Voyager  is “blind” to PUIs until 
28keV



New Paradigm: 
Realization that the Energetic Particles - created streaming of 
neutral H from ISM – Pick-Up ions (PUIs)
are the dominant species
in the distant solar wind

Richardson et al. Nature 2005

Voyager data of the crossing of the 
Termination Shock: 

Plasma was colder by one order of magnitude
the PUIs carry all the energy 

Previous Global Models:  Cold Solar Wind + PUIs =  
one fluid
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How the Pick-Up Ions evolve from “cradle to grave”?No. 1, 2010 THE ORIGIN OF LOW-ENERGY ANOMALOUS COSMIC RAYS 93
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Figure 1. Differential intensity vs. kinetic energy in the shock-rest frame for the
three proton populations at the start of the simulation and continuously injected
with the solar wind at the left simulation boundary. Population a (dashed curve)
are thermal solar wind protons, b (solid curve) are freshly ionized pickup ions,
and c (dot-dashed curve) are a high-energy tail whose intensity is adjusted to
be just below the Voyager 2 observations of termination shock particles seen
upstream of the shock in the solar wind (symbols). The open squares represent
averages from 07/007–07/085 and the solid circle symbols are from 07/085–
07/163.

Voyager 2 shock crossings, which took place from DOY 242–
244. The open squares represent averages from DOY 007–
085 and the solid circles are averages from DOY 085–163,
presumably when Voyager 2 was closer to the shock. We assume
that the high-energy, quiet-time, tail that exists in the solar wind
distribution must be at an intensity that is lower than that of
the particles seen upstream of the termination shock. Thus,
the intensity of these particles assumed in our study can be
considered as an upper bound to the actual intensity of these
particles.

3. RESULTS AND DISCUSSION

Figure 2 shows a two-dimensional color-coded representa-
tion of the magnetic-field strength (left) and density of particles
with energies greater than 5 keV (right) at the end of one of
our simulations (the one with σ 2

1 = 1.25 × 10−3 nT2). The
plot of the field strength reveals the rippling of the shock sur-
face in response to its interaction with upstream turbulence. In
the plot of the density all protons with energies greater than
5 keV, the shock position is indicated as a black curve, and
the white curves are magnetic field lines. The density of these
protons is not uniform along the shock. This was also seen in
our previous study (Giacalone 2005) and was attributed to the
variation in acceleration efficiency at different portions along
the shock, depending on the local geometry of the magnetic
field and shock. When the magnetic field is locally oblique to
the shock-normal direction, particles are more-easily reflected
back upstream of the shock compared to situations in which
the field is nearly normal to the shock. Because turbulent fluc-
tuations exist on scales much larger than the particle gyro-
radii, local-geometry variations such as these are expected to
exist along the shock front leading to intensity variations of
low-energy ACRs.
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Figure 2. Color-coded representations of the magnetic field strength (left) and
number density normalized to the total upstream proton density (on a logarithmic
scale) of all protons with energies greater than 5 keV (right) over the entire
domain of one of the simulations of the termination shock at the end of the
simulation (t = 100 Ω−1

p,1 = 5.8 hr). The legends to the right of each plot
indicate the values that the colors refer to. In the right plot, the shock front
location is shown as a black line, and several magnetic lines of force are shown
as white lines. The flow of the solar wind plasma is from left to right in these
plots.
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Figure 3. Various representations of the trajectory of an accelerated core pickup
ion. Lower left: particle kinetic energy vs. the x position measured relative to
an average shock location (x̄sh). Upper left: the particle’s z location vs. x − x̄sh.
The gray-shaded band in these two plots represent the maximum and minimum
extent of the shock front relative to the average (note that the instantaneous
location of the shock is a function of z and time). Right: particle kinetic energy
as a function of time.

Figure 3 shows the trajectory of a core pickup ion accelerated
to high energies. The right plot shows the particle kinetic energy
as a function of time. The left two plots show the particle z
location (top) and kinetic energy (bottom) as functions of the x
position relative to the average shock-rest frame. Because the
shock surface is rippled and also moves back and forth in time,
the instantaneous shock location cannot easily be represented
on this plot. Instead, we indicate the maximum and minimum
extent of the shock surface relative to an average position as a
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Science Question C: 
How does the heliosphere interacts with Interstellar 
Medium?



The medium ahead of the Heliosphere in the ISM is 
disturbed by the Heliosphere 

Gurnett et al. 

How far does the heliospheric influence extends into the ISM?



Models predicted 
a dramatic 
rotation of the 
magnetic field 
direction upstream 
of the Heliopause

Opher et al. 2006

13

Need to understand the draping of Interstellar Magnetic Field a
round the heliosphere 

McComas et al. 2009



18 June 2021 14

The Interstellar Magnetic Field is Solar Ahead of the 
Heliosphere at Voyager 1 and 2 

Voyager 1 Voyager 2
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There is a Current Debate on Shape of the Heliosphere

This question is one that 
will be addressed in 
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Concepts of the Heliosphere: Classic works of 50-60’s

Weak Interstellar Magnetic Field Strong Interstellar Magnetic Field 

Parker (1961) 



Working Paradigm: Long Comet-like Tail

17

15,160 BARANOV AND MALAMA: MODEL OF SOLAR WIND/LOCAL INTERSTELLAR MEDIUM INTERACTION 

method (the results of the third step practically coincide with the 
results of the fourth one). Figure 2 demonstrates the 
geometrical pattern of the flow (shocks, heliopause, wake or tail 
structure, and sonic lines) in the XOZ plane, where the Oz axis 
coincides with axis of symmetry and is antiparallel to the vector 
of the LISM's velocity V, (the Sun is in the center of 
coordinate system). The Ox axis is normal to the Oz axis. The 
solid lines are our results for the H atoms number density nil, 
-- 0.14 cm -3 in the unperturbed LISM, while the dotted lines are 
those for nil, - 0. One can see from Figure 2 that neutral H 
atoms, moving from the LISM to the solar system, have 
important effect on the pattern of the flow. The interface region Vsw 
(between the bow shock BS and the termination shock TS) is 
shit•ed toward the Sun by resonance charge exchange processes. vo. 

The H atoms-plasma coupling in the tail region of the solar 20- 
wind plasma results in the decrease of the Vz component and 
temperature by the factors of • 7 and • 4 respectively. It 
leads to the decrease of the Maeh number from • 2.1 to • 
0.6 (near the heliopause). We have performed also such 
calculations in the gasdynamical approximation similar to that of 

10- Baranov et al. [1981], but for all region 0 < 0 < •r. 
Results of these Monte Carlo and gasdynamical calculations 
agree qualitatively, but the quantitative effect in the latter ease 
is substantially smaller due to neglecting of the secondary H 
atoms. As a consequence the complicated structure of the tail 
flow at nil, = 0, consisting of reflected shock (RS), tangential 0 - 
discontinuity (TD), and termination shock turning into the Mach 
disc (MD) at point A (Figure 2), disappears at na, =0.14 em 4, 
and the flow in the all region between HP and TS is subsonic in 
this ease. One can also see that for n., = 0.14 em -• the 
helioeentrie distance of the termination shock in the upwind 
direction (0 = 0, where 0 is the polar angle counted of the Oz 
axis) is about 2.5 times less than that in downwind direction (0 
= 180ø), i.e., about 100 AU and 250 AU respectively (Figure 
2). This ratio as well as the helioeentrie distances is larger, if 
nil, = 0. P sw 

There are two physical aspects of the neutrals-plasma 
interaction: the influence of H-atoms on the distribution of Po• 

10 

(a.u.) 

1000 - 

500 

z 

5OO 

Fig. 2. Geometrical pattern of the interface. Results of the numerical 
calculations for nu. = 0 (1) and nu. = 0.14 cm" (2); curves (3) are 
the sonic lines. Positions of bow shock (B5), termination shock (T5), 
hellopause (HP), reflected shock (RS), tangential discontinuity (TD), and 
Mach disc (MD) are shown. 

plasma component parameters and the influence of 
hydrodynamic plasma flow on the penetration of H atoms into 
the solar wind. Figures 3 and 4 show distributions of plasma 
component parameters (velocity and number density) as a 
function of the helioeentrie distance for polar angles 0 = 0 
(upwind direction) and 0 = 90 ø. The location of the 
heliopause HP separates the left scale (for solar wind 
parameters) and the right scale (the parameters of the LISM 
plasma component). The effect of the neutral solar wind 
H-atoms (Hsw), considered fzrst time by Gruntman [1981], is 

TS HP 

TS HP BS 

=90 ø 
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BS VLISI• 

Vo• 
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-o 

' ' 4bo ' ' 6OO 
r(a.u.) 

Fig. 3. Velocities of the solar wind and the LISM's plasma component 
as functions of heliocentric distance r for polar angle 0=0 and 
0=90ø; respective positions of TS, HP, and B5 are shown by arrows. 
The location of the heliopause HP separates the leR scale (for solar wind 
parameters) and the fight scale (for parameters of the LISM plasma 
component). 
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Fig. 4. Densities of the solar wind and the LISM's plasma component 
as functions of h½liocentric distance r for of polar angle 0=0 and 
0=90ø; respective positions of TS, HP, and B5 are shown by arrows. 
The location of the hellopause HP separates the left scale (for solar wind 
parameters) and the right scale (for parameters of the LISM plasma 
component). 

Baranov & Malama (1993) – Hydrodynamic calculations



First ENA images of the Heliospheric Tail
The Astrophysical Journal, 771:77 (9pp), 2013 July 10 McComas et al.
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Figure 6. Same as Figure 2, but centered on the downwind direction; a common
color bar is used in both figures.
(A color version of this figure is available in the online journal.)

3. DISCUSSION

To summarize the observational features, the heliotail in-
cludes a broad low- to mid-latitude structure, which has an
excess of lower energy ENAs (<1 keV) and a deficit at higher
energies (>2 keV), producing a relatively steep power law en-
ergy spectrum (γ = 2–3) compared to the rest of the sky. This
structure is large, spanning nearly 180◦ in longitude, but appears
latitudinally thinner in the middle and at the edges in the IBEX
ENA observations, and thus, we describe it as having two lobes.

The lobes are roughly centered on the downwind direction, and
the port lobe appears somewhat larger than the starboard one.
Overall, the two-lobe structure is tilted in the sense of the ex-
ternal magnetic fields, but at only a fraction of the angle of
that field. Emissions from both lobes are centered closer to the
downwind direction with increasing energies across the ENA
energy bands centered at 1.7, 2.7, and 4.3 keV.

Unlike the IBEX ribbon, which may well come from ENA
emissions beyond the heliopause (e.g., from a “secondary ENA
source; McComas et al. 2009b; Heerikhuisen et al. 2010; Chalov
et al. 2010; Schwadron & McComas 2013), emissions from the
heliotail are almost certainly coming from the region beyond
the termination shock, but still inside the heliopause, just as
they do for the rest of the globally distributed flux (McComas
et al. 2009b; Schwadron et al. 2011). Ecliptic ordering of the
heliotail structure clearly indicates the imprint of the solar
wind’s latitudinal structure in these emissions. The generally
steeper power law spectral distributions at low to mid-latitudes
compared to higher latitudes is consistent with a solar wind
latitudinal structure around solar minimum, with fast, tenuous
solar wind from large circumpolar coronal holes at high latitudes
and slower and denser solar wind at lower latitudes (McComas
1998; McComas et al. 2008).

Figure 8 shows a highly schematic diagram of the notional
heliotail configuration (a) in the noon–midnight meridian and
(b) as viewed looking down the tail, compared to (c) the ENA
spectral slope observations from Figure 5. In this figure, for solar
minimum conditions, faster wind from the high latitude regions
largely fills the north and south regions of the tail. In contrast, a
broad “slow solar wind plasma sheet” should run longitudinally
across the tail, comprising both the port and starboard lobes.
Slow wind initially headed in the upwind direction should also
fill a thin layer just inside of the heliopause as shown. We note
that while the structure in Figure 8 is visually reminiscent of a
cut through Earth’s magnetotail, the regions and their physical
sources are quite different.

Solar wind ions in the inner heliosheath are lost through
charge exchange—this is actually the signal that IBEX ob-
serves. A typical distance to lose 1/e of the slow solar wind
ions in the inner heliosheath/tail is ∼120 AU (“cooling dis-
tance” from Schwadron et al. 2011); in the fast wind, the
comparable distances should be roughly twice as long. This
mechanism produces a heliotail where different portions of the
tail have different lengths and effectively “evaporates” almost
all of the tail ions within ∼1000 AU. Thus, in Figure 8, we
also schematically indicate this process by the fading out of
the heliospheric tail ions. We note that at greater distances,
the tail should “pinch” in as the external magnetic and parti-
cle pressures continuous to push in from the sides. Of course,
ENAs also continue to re-ionize and re-neutralize over the
scales of hundreds of AU, so there should be a broader down-
wind region of coupled heliospheric and interstellar ions and
neutrals in an extended “wake” region behind the heliosphere
(not shown).

Comparing the low to mid-latitude ENA emissions at various
longitudes, the directions down the tail are the steepest, with
the largest fluxes of low energy ENAs and smallest fluxes of
high energy ones. We attribute this to the continued slowing of
the bulk solar wind heading toward the tail, owing to continued
addition of pickup ions. In the upwind direction, it takes typical
∼400 km s−1 slow solar wind about one year to reach the
termination shock at ∼100 AU. By this time, the addition of
pickup ions has slowed the solar wind flow ∼50 km s−1 to

5

McComas et al. 2013

Interpretation of the signal from a long comet like heliospheric tail
filled with slow and fast solar wind 

IBEX; ENA images 
Around 1-6keV



Bubble-like shape

12 May, 2016 19

Interpretation 
based on the 
signal being the 
same at the nose 
and tail

CASSINI/INCA; ENA images 
5.2keV-55keV

Diaylinas et al. 2017



Assumption is that the 
solar magnetic field has 
a negligible role 

Probably because in the 
heliosheath, the plasma 
b =PT/PB >> 1

equations with corresponding source terms describing neutral-
ion charge exchange.

The inner boundary of our domain is a sphere at 30 AU and
the outer boundary is at x = ±1500 AU, y = ±1500 AU,
z = ±1500 AU. Parameters of the solar wind at the
innerboundary at 30 AU are vSW = 417 km s−1,
nSW = 8.74 × 10−3 cm−3, TSW = 1.087 × 105 K (OMNI solar
data, http://omniweb.gsfc.nasa.gov/). The Mach number of the
solar wind is 7.5 and is therefore super-fast magnetosonic.
Therefore, all the flow parameters can be specified at this
boundary. The solar wind magnetic field is given by Parker
(1958),
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where R0 is the inner boundary at 30 AU, vSW is the solar wind
speed with the radial component BSW= 7.17 × 10−3 nT at the
equator at 30 AU, Θ is the polar angle of the field line, and Ω is
the equatorial angular velocity of the Sun. We assume that the
magnetic axis is aligned with the solar rotation axis.

The solar wind flow at the inner boundary is assumed to be
spherically symmetric. For the interstellar plasma, we assume
vISM = 26.4 km s−1, nISM = 0.06 cm−3, TISM = 6519 K. The
number density of H atoms in the ISM is nH = 0.18 cm−3; the
velocity and temperature are the same as for the interstellar
plasma. The coordinate system is such that the z-axis is parallel
to the solar rotation axis and the x-axis is 5° above the direction
of interstellar flow, with y completing the right-handed
coordinate system. The grid was made up of 6.05 × 107 cells
ranging in size from 0.37 AU at the inner boundary to
93.75 AU at the outer boundary. The tail region in the
heliosheath had a resolution of 0.7 AU all the way to
x = 1000 AU in the deep tail. The case with BISM was run to
480,000 time steps, which corresponds to 659 yr. The case with
no BISM was run to 660,000 time steps, which corresponds to
865 yr.

The strength of the BISM in the model is 4.4 μG. The
orientation of BISM continues to be debated in the literature.
The orientation of BISM is defined by two angles, αBV and βBV.
αBV is the angle between the interstellar magnetic field and the
flow velocity of the interstellar wind, and βBV is the angle
between the BISM–vISM plane and the solar heliographic
equator. To account for the heliospheric asymmetries, such as
the different crossing distances of the termination shock by V1
and 2, a small value of αBV ∼ 10–20° is required (Izmodenov
et al. 2009; Opher et al. 2009). Other studies (Chalov et al.
2010; Heerikhuisen & Pogorelov 2011) have used the observed
shape and location of the IBEX ribbon to constrain the
magnitude and orientation of BISM. However, such constraints
are sensitive to the specific model of the IBEX ribbon, which
continues to be uncertain. In any case, for this study the exact
direction of BISM and its intensity are not important.

3. SOLAR MAGNETIZED JETS

We performed 3D MHD simulations showing that the
heliosphere does not have a comet-like structure. The solar
magnetic field was chosen to be unipolar (Opher & Drake
2013) to avoid artificial numerical magnetic reconnection at the
nose as well as in the solar equator across the heliospheric
current sheet. We also present a simulation with an interstellar

wind but with no interstellar magnetic field to avoid artificial
reconnection at the heliopause interface.
Even with no interstellar magnetic field the heliosphere

develops a two-lobe structure organized by the solar
magnetic field (Figures 1(a)–(c)). The lobes survive due to
the resistance of the solar magnetic field to being stretched.
The magnetic tension force must therefore be sufficiently
strong to collimate the jets. To show this, we estimate the
tension on a field line with a radius of curvature R as

�� _∣ ∣B BF π B π R· 4 ( 8 )(2 )tension
2 . Ftension ∼ 2 PB/R,

where PB is the magnetic pressure. The force stretching the
magnetic field due to the flows is S �_ _∣ ∣v vF · 2streatching

S L S_ _v v R P R2 2v
2 2

ram , where κv is like the curvature
with κ ∼ 1/R and Pram is the ram pressure. So, the ratio
between the two forces Fstreatching/Ftension ∼ Pram/2PB, which
is <1 down the tail past the termination shock (Figure 1(d)).
Thus, the magnetic tension (hoop stress) is sufficient to resist
the stretching by the flows and can collimate jets. The result
is a tail divided in two separate plasmas confined by the solar
magnetic field (Figures 1(a) and (c)). The two lobes are
separated by the pressure of the interstellar plasma that flows
around the heliosphere and into the equatorial region
downstream of the heliosphere (Figure 1(a)). This behavior
can be seen in Figure 1(f) where the meridional flows Uy

are shown and the ISM streamlines flow between the two
lobes in Figure 1(a). Thus, the interstellar wind is not
sufficiently strong to force the north and south lobes of the
heliosphere to merge together to form a comet-like structure.
The thermal pressure from the ISM balances the magnetic
and plasma pressure in the lobes in the y–z plane in the down-
tail region.
In the heliosheath the plasma pressure is generally much

higher than the magnetic pressure, so it might seem surprising
that the magnetic field controls the formation and structure of
the jets. There are two factors that explain why the magnetic
field and specifically the tension forces are critically important.
First, due to the expansion of the plasma as it flows from the
termination shock out toward the heliopause, the plasma
pressure drops until the two pressures are comparable.
Figure 3(a) shows the ratio between the two pressures in a
cut in the meridional plane (y = 0). Immediately after the
termination shock the gas (thermal) pressure dominates (by
almost an order of magnitude), but further out it becomes
weaker due to expansion. Thus, the ratio of the magnetic to
thermal pressure increases. Near the heliopause the system
approaches approximate equipartition. On the other hand,
equipartition is not a requirement at the heliopause boundary.
The ratio between the magnetic to thermal pressure at the
heliopause depends on the value of the interstellar pressure
compared with the thermal pressure downstream of the
termination shock (see for example the plasma and magnetic
profiles for the Crab in Figure 1 of Begelman & Li 1992).
Second, even in a high-β heliosheath it is the magnetic tension
force that controls the total pressure drop from the termination
shock to the heliopause. This was also noted in calculations
related to the Crab Nebula (Begelman & Li 1992). Since there
is no tension force along the axis, this same axial pressure drop
is balanced by the inertia associated with the generation of the
axial flow. This can be shown in a rigorous analytic calculation
of the structure of the heliosheath and associated flow (J. F.
Drake et al. 2015, in preparation). Similar forces have been
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Ω: stellar rotation rate
Θ: polar angle

Interplanetary Magnetic 
Field

ISSUE OF CONFINEMENT by the Solar Magnetic



Issue of Confinement: Resistance of the solar 
magnetic field to being stretched 

The tension on a field line with a radius of curvature R is                                                        
so                        

The force stretching the magnetic field due to the flows is

so the ratio between the two forces is 

21

Ftension = B ⋅∇B / 4π ≈ B2 / 8π( ) 2 / R( ) Ftension ≈ 2PB / R

Fstreatching ≈ ρ v ⋅∇v / 2 ≈ ρv
2κV 2 ≈ ρv

2 2R ≈ Pram R

Fstreatching Ftension ≈ Pram 2PB

R

For the Heliosheath nominal values  Fstreatching/Ftension < 1 



Solar Magnetic Field is the backbone of the 
heliosphere: “Croissant-Like” Heliosphere

22

Tension force collimates  the heliosheath flow in two jets 
(Opher et al. 2015; Drake et al. 2015)



Realization: The magnetic tension of the solar magnetic 
field organizes the solar wind into two jet-like structures

23

Opher et al. 2015; Drake et al. 2015 
Pogorelov et al. 2015



New Global Model: Cold Thermal Solar Wind 
and PUIs treated separately

24
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Our new model does not include the solar cycle variation of the 
solar wind. However, time-dependent simulations29 show that the 
TS only fluctuates by ±10 au with the solar cycle, while fluctuations 
of the HP distance are only ~3–4 au. Thus, solar cycle variability 
cannot explain the continuing discrepancy between the thin HS 
measured by the Voyagers and the global models.

An important extension of this work would be to include not only 
the PUIs created in the supersonic solar wind (which peak around 
1–3 keV) but also the higher-energy particles such as anomalous cos-

mic rays (ACRs) that are measured by V1 from 30 keV up to several 
megaelectronvolts. While none of the global models include ACRs, 
the diffusive loss of cosmic rays through the HP was predicted to 
shift the positions of the TS and HP by around 5 au (ref. 20).

There have been suggestions that the inclusion of thermal con-
ductivity30, as well as an energy sink due to escaping ACRs, would 
reduce the HS thickness.

In future work, we will compare the ENA maps produced by this 
model with the ones observed by IBEX and the Ion and Neutral 
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I
 in km!s−1. f, Thermal pressure of the PUIs in the equatorial plane (PtPUI).  

g, Temperature of PUIs (TPUI). h, Temperature of the solar wind (TSW).
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Our new model does not include the solar cycle variation of the 
solar wind. However, time-dependent simulations29 show that the 
TS only fluctuates by ±10 au with the solar cycle, while fluctuations 
of the HP distance are only ~3–4 au. Thus, solar cycle variability 
cannot explain the continuing discrepancy between the thin HS 
measured by the Voyagers and the global models.

An important extension of this work would be to include not only 
the PUIs created in the supersonic solar wind (which peak around 
1–3 keV) but also the higher-energy particles such as anomalous cos-

mic rays (ACRs) that are measured by V1 from 30 keV up to several 
megaelectronvolts. While none of the global models include ACRs, 
the diffusive loss of cosmic rays through the HP was predicted to 
shift the positions of the TS and HP by around 5 au (ref. 20).

There have been suggestions that the inclusion of thermal con-
ductivity30, as well as an energy sink due to escaping ACRs, would 
reduce the HS thickness.

In future work, we will compare the ENA maps produced by this 
model with the ones observed by IBEX and the Ion and Neutral 
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Our new model does not include the solar cycle variation of the 
solar wind. However, time-dependent simulations29 show that the 
TS only fluctuates by ±10 au with the solar cycle, while fluctuations 
of the HP distance are only ~3–4 au. Thus, solar cycle variability 
cannot explain the continuing discrepancy between the thin HS 
measured by the Voyagers and the global models.

An important extension of this work would be to include not only 
the PUIs created in the supersonic solar wind (which peak around 
1–3 keV) but also the higher-energy particles such as anomalous cos-

mic rays (ACRs) that are measured by V1 from 30 keV up to several 
megaelectronvolts. While none of the global models include ACRs, 
the diffusive loss of cosmic rays through the HP was predicted to 
shift the positions of the TS and HP by around 5 au (ref. 20).

There have been suggestions that the inclusion of thermal con-
ductivity30, as well as an energy sink due to escaping ACRs, would 
reduce the HS thickness.

In future work, we will compare the ENA maps produced by this 
model with the ones observed by IBEX and the Ion and Neutral 
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New Heliosphere
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The heliosphere has distances from the Sun to the heliopause similar in all directions 

ARTICLESNATURE ASTRONOMY

Camera (INCA)/Cassini. Our model includes the contribution 
from the thermal component and the ‘core’ PUIs. One can see that 
the model reproduces the ENA intensities at IBEX at energies of 
0.5 keV–5 keV (Supplementary Fig. 5; when the HS-produced PUIs 
are included in post-processing). The model, similarly to other 
global models, does not reproduce the low-energy ENAs. There 
have been suggestions that effects beyond what ideal MHD descrip-
tion includes, such as turbulence31 or reconnection, can contribute 
to such high intensities.

Future remote-sensing and in situ measurements will be able to 
test the reality of a rounder heliosphere. In Fig. 6, we show our pre-
diction for the interstellar magnetic field ahead of the heliosphere 
at V2. In addition, future missions such as the Interstellar Mapping 
and Acceleration Probe32 will return ENA maps at higher energies 
than present missions and so will be able to explore ENAs coming 
from deep into the heliospheric tail. Thus, further exploration of the 

global structure of the heliosphere will be forthcoming and will put 
our model to the test.

Methods
Description of the governing equations. Our model has two ions, solar wind 
and PUIs interacting through charge exchange with neutral hydrogen atoms. "e 
neutral hydrogen atoms are described in a multi-#uid treatment. "ere are four 
neutral populations, each re#ecting the properties of the plasma between the 
di$erent heliospheric boundaries27.

The model assumes a ‘cold electron’ approximation, that is, that there are no 
suprathermal electrons. This is in agreement with the observations15. With nSW and 
nPUI being, respectively, the number density of the thermal solar wind protons and 
the PUIs, from charge neutrality we have the electron number density

ne ¼ nSW þ nPUI ð1Þ

where nSW and nPUI are the number density of SW and PUIs, respectively. Assuming 
that the electron and solar wind ion temperature are equal (Te = TSW), the solar 
wind thermal pressure is

pSW ¼ nSWTSW þ neTeð ÞkB ¼ 2nSW þ nPUIð ÞTSWkB

where kB is the Boltzmann constant. The PUI pressure is pPUI = nPUITPUIkB.
We solve the multi-fluid set of equations (as in refs. 10,33) for the solar wind and 

PUIs modified to include source terms due to charge exchange as in ref. 34

∂ρSW
∂t

þ = " ρSWuSWð Þ ¼ SρSW ð2Þ

Y                   X

Z

ISM

300 au

300 au
100 au

100 au

a b

Fig. 4 | The new heliosphere. a, The HP is shown by the yellow surface (case B) defined by a solar wind density of 0.005!cm−3. The white lines represent 
the solar magnetic field. The red lines represent the interstellar magnetic field. b, The standard view of a comet long tail extending thousands of 
astronomical units. V1 and V2 are shown in this artist rendition; V2 has now passed the HP. The yellow dot represents the Sun. The supersonic solar wind 
region is represented by the blue region around the Sun. The extended region beyond the blue region represents the HS. Credit: NASA/JPL-Caltech.
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Fig. 5 | Pressures in the HS. Pressures in the tail along a cut downstream 
(at z!=!0) (case A). The red line is the PUI pressure; the blue line is the 
solar wind thermal pressure; the magenta line is the total thermal pressure 
(PUIs!+!solar wind); the green line is the magnetic pressure; and the black 
line is the total pressure (thermal!+!magnetic). The two grey vertical lines 
denote the positions of the TS (left) and the HP (right). R, radial distance 
from the Sun.

Table 1 | Distances to TS and HP and the thickness of the HS

Case A Case B

Single ion Multi-ion Multi-ion Observations

TS (V1) 85!±!3!au 96!±!3!au 90!±!3!au 95!au
HP (V1) 187!±!3!au 171!±!3!au 146!±!3!au 122!au
HS (V1) 102!au 75!au 56!au 28!au
TS (V2) 80!±!3!au 91!±!3!au 88!±!3!au 85!au
HP (V2) 162!±!3!au 153!±!3!au 141!±!3!au 119!au
HS (V2) 82!au 62!au 53!au 35!au
HS (V1, V2) 20!au 13!au 3!au 7!au
TS (upwind) 82!±!3!au 91!±!3!au 85!±!3!au –

TS (downwind) 92!±!3!au 123!±!3!au 146!±!3!au –

The errors for the computed distances are taken as twice the local grid cell sizes.
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A crescent-shaped heliosphere
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Figure 1. The Interstellar Mapping and Acceleration Probe (IMAP) will solve fundamental mysteries 
of our heliosphere’s interaction with the interstellar medium and particle acceleration in the solar 
wind.  Shown here projected onto the outer boundary of the solar system is the IBEX Ribbon, which 
was discovered by the Interstellar Boundary Explorer (IBEX) mission.  The enigmatic Ribbon raises 
basic and profound questions related to its origin, the nature of the outer boundaries of our solar 
system, and the surrounding galactic medium.  Most ideas involve a population of electrically charged 
matter existing near the boundaries of our solar system.  These charged particle populations very likely 
originate from uncharged matter that streams out from the Sun (the neutral solar wind).  Several new 
sources for the Ribbon have also been proposed, involving regions in the galaxy further out from the 
Sun.  IMAP with more than twenty times the resolution of IBEX will probe the detailed source of the 
ribbon.  Shown in the blowout is a depiction of the substructure that scientists have only so far been 
able to hypothesize.  Image credit: D. McComas(SwRI) based on Adler Planetarium/SwRI/NASA 
image from [2] with mock IMAP data taken from WMAP 
(GSFC/Princeton/UofC/UCLA/UBC/Brown/NASA). 

2. IMAP’s Scientific Context and Motivation 
As the Sun travels through interstellar space on its quarter billion year journey around the center of our 
galaxy, the solar wind—the supersonic outflow of magnetized plasma (or ionized gas) from the Sun’s 
upper atmosphere—inflates an enormous bubble within the dilute plasma of the interstellar medium 
(Figure 2). Known as the heliosphere, this solar-wind-dominated cavity in the local galactic 
environment has been an object of speculation and study ever since its existence was first predicted in 
the 1950s.  
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Heliopause signatures: predicted at 135-155 AU 
Galactic cosmic rays increase and heliosheath particles decrease. 

GCRs (galactic cosmic rays) 

ACRs



Krimigis et al. (2013)

Flow expected to turn 
tailward as it moves 
across HSH; VR to ~0
at HP

Intensity ~constant 
from 94-115 AU, then 
decreased from 2010 to 
dropout in 2012.

Radial speed near zero 
from  early 2010 to 
dropout: 113-121 AU

Other flow components 
also small: 
Stagnation region

Puzzle: why a stagnation region?      V ~ 0

Stagnation
region

VOYAGER 1



• Strong magnetic fields were observed in the stagnation region from 
2010.3 to 2012.1.

• B in Parker direction (inside HP). Sector structure still observed.

Burlaga & Ness 2012

+
_

Burlaga & Ness



Heliosheath particles 
disappear

Galactic cosmic rays
increase

Magnetic field increases

Magnetic field direction
does NOT change

Still inside heliopause?

HELIOCLIFF



Burlaga  et al.   2013



Question:      Why is the heliopause so close?   At 121 AU, it is only 
27 AU from TS.  Models predict HP is 40-60 AU from TS

Pogorelov et al



N=0.06
N=0.08

Densities are interstellar medium densities – so V1 crossed heliopause!
Emissions excited when ICMEs hit heliopause and accelerate electron beams.

Plasma wave data

Gurnett et al., Science, 2013





Overview of 
Interstellar 
Disturbances 
Detected by 
Voyager 1.

MIRs drive 
pressure waves
Through LISM



• A series of M/X class flares and large 
CMEs were produced from AR 11429 in 
2012 March, as the AR was rotating with 
the Sun from east to west;

• These sustained eruptions are 
expected to generate a global shell of 
disturbed material sweeping through 
the heliosphere.

2, CME interaction with the heliosphere



• Propagate the solar wind disturbance 
outward from 1 AU using an MHD 
model (Wang et al.2000); 

• The transient streams interact with each 
other, which erases memory of  the source 
and results in a large merged interaction 
region (MIR) with a preceding shock; 

• The shock and MIR would reach 120 
AU around 2013 April 22, consistent with 
the period of  radio emissions;

• These results reveal the “fate” of  CMEs 
in the outer heliosphere and provide 
confidence that the heliopause is located 
around 120 AU from the Sun.

2, CME interaction with the heliosphere



NASA press conference, Sept. 12, 2013: V1 is in interplanetary space!



The Interstellar Magnetic Field is Solar Ahead of the 
Heliosphere at Voyager 1 and Voyager 2!



Opher & Drake ApJL 2013

We suggested that the draping of the interstellar magnetic field around 
the heliopause is strongly affected by the solar magnetic field although 
the physical mechanism for such behavior was not understood. 



Diamagnetic Drift Suppress Reconnection at the Nose
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(a) (b)

(c) (d)

Figure 2. Cuts taken through the HP from the MHD simulation showing the density and pickup ion temperature. Panels (a) and (c) come from a site, location 1, with
anti-parallel reconnection; panels (b) and (d) from location 2 where the fields have a smaller shear angle.

3.2. Simulation Results

The components of any plasma that includes both a magnetic
field and a non-parallel pressure gradient undergo a diamagnetic
drift given by

v∗,j = −c
∇pj × B
qjnjB2

, (1)

where pj = njkBTj is the pressure and qj is the charge of
species j. Note that, because of their charges, ions and electrons
drift in opposite directions and that separate populations of the
same species (in particular, pickup and thermal ions) can drift
at different speeds. In our case, the pressure gradient normal to
the HP crossed with the guide magnetic field produces drifts
parallel to the reconnection outflows.

Using PIC simulations, Swisdak et al. (2003) demonstrated
that under such conditions the X-line convects in the ion rest
frame with a speed given by |v∗e|+ |v∗i |, the sum of the electron
and ion diamagnetic drifts. If the drift velocity of the X-line
exceeds the speed of the nominally Alfvénic outflows, recon-
nection is suppressed. Qualitatively, suppression occurs when
the X-line propagates fast enough that the plasma does not have
sufficient time to establish the necessary flow configuration for
reconnection before the X-line passes. Quantitatively, Swisdak
et al. (2003) proposed that diamagnetic drifts suppress recon-
nection when

v∗,j > vA,j , (2)

where vA,j is the Alfvén speed for a particular population (i.e.,
calculated based on nj) in the reconnecting component of the
magnetic field. This condition can be derived from balancing
the centrifugal and magnetic tension forces exerted on a fluid
streaming with velocity v∗,j toward the X-line (see the Appendix
for details). When v∗,j is sufficiently large, the magnetic tension
cannot eject the field line from the vicinity of the X-line and
reconnection stalls.

Equation (2) can be reformulated as a condition relating the
jump in the plasma parameter across the current layer, ∆β, and
the shear angle θ between the reconnecting fields:

∆βj >
2Lp

di

tan(θ/2), (3)

where Lp represents a typical pressure scale length near the X-
line. Both simulations and observations at Earth’s magnetopause
suggest that Lp/di ∼ O(1) (Berchem & Russell 1982; Eastman

et al. 1996). According to Equation (3), only anti-parallel
reconnection, θ ≈ π , occurs for β % 1. Observations of
reconnection at the magnetopause (Scurry et al. 1994) and in
the solar wind (Phan et al. 2009) support this conclusion.

The inferred large energy content of pickup ions in the
heliosheath implies a substantial value for β, which, when
coupled with Equation (3), leads to the conclusion that only anti-
parallel reconnection occurs at the HP. To check, we performed
PIC simulations of HP reconnection at two shear angles. Cuts
through the HP at two places in the simulation of Figure 1
established the initial equilibria for these simulations. Due to the
relatively large grid size, the HP in the global simulations has a
thickness of approximately 10 AU. This is only an upper limit,
however, as the real thickness is certainly closer to the 1di &
10 AU observed at the terrestrial magnetopause. Furthermore, in
both experiments (Yamada 2007) and simulations (Cassak et al.
2005), reconnection is seen to proceed slowly in thick current
sheets before accelerating rapidly when the sheet thickness
reaches di. In our kinetic simulations, the MHD models provide
the asymptotic parameters of the reconnecting plasmas, but we
take the width of the current layer to be 1di . In Figure 2,
we show the initial profiles of the densities and temperatures
at the two locations used to provide the asymptotic profiles for
the PIC simulations.

The initial proton distribution is a superposition of a cold,
Maxwellian population representing the solar wind and a much
hotter Maxwellian (20% by number) corresponding to the
pickup ions. Choosing a thermal distribution for the pickup
ion distribution is a somewhat crude approximation. The actual
distribution is still a subject of investigation, since neither of the
Voyager spacecraft can measure it directly. Close to the Sun,
where many of the pickup ions are created, a ring distribution
could be appropriate, but as the solar wind expands outward,
a number of altering effects have been identified (Isenberg
1987; Chalov et al. 1995) even before the interaction with
the termination shock introduces further modifications (Zank
et al. 2010). In our kinetic simulations, the particle distribution
functions are free to evolve (and do so, particularly in the
reconnecting current layer), and so the effects of choosing a
different initial distribution are ultimately unclear, albeit of
obvious interest.

The first site has nearly anti-parallel reconnecting fields
(shear angle θ = 165◦), while in location 2 the fields have
a shear angle of θ ≈ 130◦. In order to specify the plane
of reconnection for these two-dimensional simulations, we
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Figure 2. Cuts taken through the HP from the MHD simulation showing the density and pickup ion temperature. Panels (a) and (c) come from a site, location 1, with
anti-parallel reconnection; panels (b) and (d) from location 2 where the fields have a smaller shear angle.

3.2. Simulation Results

The components of any plasma that includes both a magnetic
field and a non-parallel pressure gradient undergo a diamagnetic
drift given by

v∗,j = −c
∇pj × B
qjnjB2

, (1)

where pj = njkBTj is the pressure and qj is the charge of
species j. Note that, because of their charges, ions and electrons
drift in opposite directions and that separate populations of the
same species (in particular, pickup and thermal ions) can drift
at different speeds. In our case, the pressure gradient normal to
the HP crossed with the guide magnetic field produces drifts
parallel to the reconnection outflows.

Using PIC simulations, Swisdak et al. (2003) demonstrated
that under such conditions the X-line convects in the ion rest
frame with a speed given by |v∗e|+ |v∗i |, the sum of the electron
and ion diamagnetic drifts. If the drift velocity of the X-line
exceeds the speed of the nominally Alfvénic outflows, recon-
nection is suppressed. Qualitatively, suppression occurs when
the X-line propagates fast enough that the plasma does not have
sufficient time to establish the necessary flow configuration for
reconnection before the X-line passes. Quantitatively, Swisdak
et al. (2003) proposed that diamagnetic drifts suppress recon-
nection when

v∗,j > vA,j , (2)

where vA,j is the Alfvén speed for a particular population (i.e.,
calculated based on nj) in the reconnecting component of the
magnetic field. This condition can be derived from balancing
the centrifugal and magnetic tension forces exerted on a fluid
streaming with velocity v∗,j toward the X-line (see the Appendix
for details). When v∗,j is sufficiently large, the magnetic tension
cannot eject the field line from the vicinity of the X-line and
reconnection stalls.

Equation (2) can be reformulated as a condition relating the
jump in the plasma parameter across the current layer, ∆β, and
the shear angle θ between the reconnecting fields:

∆βj >
2Lp

di

tan(θ/2), (3)

where Lp represents a typical pressure scale length near the X-
line. Both simulations and observations at Earth’s magnetopause
suggest that Lp/di ∼ O(1) (Berchem & Russell 1982; Eastman

et al. 1996). According to Equation (3), only anti-parallel
reconnection, θ ≈ π , occurs for β % 1. Observations of
reconnection at the magnetopause (Scurry et al. 1994) and in
the solar wind (Phan et al. 2009) support this conclusion.

The inferred large energy content of pickup ions in the
heliosheath implies a substantial value for β, which, when
coupled with Equation (3), leads to the conclusion that only anti-
parallel reconnection occurs at the HP. To check, we performed
PIC simulations of HP reconnection at two shear angles. Cuts
through the HP at two places in the simulation of Figure 1
established the initial equilibria for these simulations. Due to the
relatively large grid size, the HP in the global simulations has a
thickness of approximately 10 AU. This is only an upper limit,
however, as the real thickness is certainly closer to the 1di &
10 AU observed at the terrestrial magnetopause. Furthermore, in
both experiments (Yamada 2007) and simulations (Cassak et al.
2005), reconnection is seen to proceed slowly in thick current
sheets before accelerating rapidly when the sheet thickness
reaches di. In our kinetic simulations, the MHD models provide
the asymptotic parameters of the reconnecting plasmas, but we
take the width of the current layer to be 1di . In Figure 2,
we show the initial profiles of the densities and temperatures
at the two locations used to provide the asymptotic profiles for
the PIC simulations.

The initial proton distribution is a superposition of a cold,
Maxwellian population representing the solar wind and a much
hotter Maxwellian (20% by number) corresponding to the
pickup ions. Choosing a thermal distribution for the pickup
ion distribution is a somewhat crude approximation. The actual
distribution is still a subject of investigation, since neither of the
Voyager spacecraft can measure it directly. Close to the Sun,
where many of the pickup ions are created, a ring distribution
could be appropriate, but as the solar wind expands outward,
a number of altering effects have been identified (Isenberg
1987; Chalov et al. 1995) even before the interaction with
the termination shock introduces further modifications (Zank
et al. 2010). In our kinetic simulations, the particle distribution
functions are free to evolve (and do so, particularly in the
reconnecting current layer), and so the effects of choosing a
different initial distribution are ultimately unclear, albeit of
obvious interest.

The first site has nearly anti-parallel reconnecting fields
(shear angle θ = 165◦), while in location 2 the fields have
a shear angle of θ ≈ 130◦. In order to specify the plane
of reconnection for these two-dimensional simulations, we
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Figure 2. Cuts taken through the HP from the MHD simulation showing the density and pickup ion temperature. Panels (a) and (c) come from a site, location 1, with
anti-parallel reconnection; panels (b) and (d) from location 2 where the fields have a smaller shear angle.
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field and a non-parallel pressure gradient undergo a diamagnetic
drift given by

v∗,j = −c
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, (1)

where pj = njkBTj is the pressure and qj is the charge of
species j. Note that, because of their charges, ions and electrons
drift in opposite directions and that separate populations of the
same species (in particular, pickup and thermal ions) can drift
at different speeds. In our case, the pressure gradient normal to
the HP crossed with the guide magnetic field produces drifts
parallel to the reconnection outflows.

Using PIC simulations, Swisdak et al. (2003) demonstrated
that under such conditions the X-line convects in the ion rest
frame with a speed given by |v∗e|+ |v∗i |, the sum of the electron
and ion diamagnetic drifts. If the drift velocity of the X-line
exceeds the speed of the nominally Alfvénic outflows, recon-
nection is suppressed. Qualitatively, suppression occurs when
the X-line propagates fast enough that the plasma does not have
sufficient time to establish the necessary flow configuration for
reconnection before the X-line passes. Quantitatively, Swisdak
et al. (2003) proposed that diamagnetic drifts suppress recon-
nection when

v∗,j > vA,j , (2)

where vA,j is the Alfvén speed for a particular population (i.e.,
calculated based on nj) in the reconnecting component of the
magnetic field. This condition can be derived from balancing
the centrifugal and magnetic tension forces exerted on a fluid
streaming with velocity v∗,j toward the X-line (see the Appendix
for details). When v∗,j is sufficiently large, the magnetic tension
cannot eject the field line from the vicinity of the X-line and
reconnection stalls.

Equation (2) can be reformulated as a condition relating the
jump in the plasma parameter across the current layer, ∆β, and
the shear angle θ between the reconnecting fields:

∆βj >
2Lp

di

tan(θ/2), (3)

where Lp represents a typical pressure scale length near the X-
line. Both simulations and observations at Earth’s magnetopause
suggest that Lp/di ∼ O(1) (Berchem & Russell 1982; Eastman

et al. 1996). According to Equation (3), only anti-parallel
reconnection, θ ≈ π , occurs for β % 1. Observations of
reconnection at the magnetopause (Scurry et al. 1994) and in
the solar wind (Phan et al. 2009) support this conclusion.

The inferred large energy content of pickup ions in the
heliosheath implies a substantial value for β, which, when
coupled with Equation (3), leads to the conclusion that only anti-
parallel reconnection occurs at the HP. To check, we performed
PIC simulations of HP reconnection at two shear angles. Cuts
through the HP at two places in the simulation of Figure 1
established the initial equilibria for these simulations. Due to the
relatively large grid size, the HP in the global simulations has a
thickness of approximately 10 AU. This is only an upper limit,
however, as the real thickness is certainly closer to the 1di &
10 AU observed at the terrestrial magnetopause. Furthermore, in
both experiments (Yamada 2007) and simulations (Cassak et al.
2005), reconnection is seen to proceed slowly in thick current
sheets before accelerating rapidly when the sheet thickness
reaches di. In our kinetic simulations, the MHD models provide
the asymptotic parameters of the reconnecting plasmas, but we
take the width of the current layer to be 1di . In Figure 2,
we show the initial profiles of the densities and temperatures
at the two locations used to provide the asymptotic profiles for
the PIC simulations.

The initial proton distribution is a superposition of a cold,
Maxwellian population representing the solar wind and a much
hotter Maxwellian (20% by number) corresponding to the
pickup ions. Choosing a thermal distribution for the pickup
ion distribution is a somewhat crude approximation. The actual
distribution is still a subject of investigation, since neither of the
Voyager spacecraft can measure it directly. Close to the Sun,
where many of the pickup ions are created, a ring distribution
could be appropriate, but as the solar wind expands outward,
a number of altering effects have been identified (Isenberg
1987; Chalov et al. 1995) even before the interaction with
the termination shock introduces further modifications (Zank
et al. 2010). In our kinetic simulations, the particle distribution
functions are free to evolve (and do so, particularly in the
reconnecting current layer), and so the effects of choosing a
different initial distribution are ultimately unclear, albeit of
obvious interest.

The first site has nearly anti-parallel reconnecting fields
(shear angle θ = 165◦), while in location 2 the fields have
a shear angle of θ ≈ 130◦. In order to specify the plane
of reconnection for these two-dimensional simulations, we

Can be re-written as 

This condition was applied for Magnetosphere (Phan et al. 2011); Saturn; Jupiter 
(Desroche et al. JGR 2012); Neptune (Masters et al. 2015); Outer Heliosphere (Swisdak et 
al. 2010)

Across the heliopause there is a large jump of plasma b so reconnection will be 
suppressed. In the flanks there should be a smaller jump (less PUIs than the nose)
and more favorable location for global reconnection
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Reconnection in the flanks predicts no field rotation at the HP
At V1 and V2
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the neutrals captures the main features of the kinetic model
(Izmodenov et al. 2009).

The inner boundary of our domain is a sphere at 30 au, and
the outer boundary is at x=±1500 au, y=±1500 au, z=
±1500 au. Parameters of the solar wind at the inner boundary at
30 au are: v 417 km sSW

1� � , n 8.74 10 cmSW
3 3� q � � ,TSW �

1.087 10 K5q (OMNI solar data; http://omniweb.gsfc.nasa.
gov/). The Mach number of the solar wind is 7.5 and is therefore
super-fast-magnetosonic. Therefore, all the flow parameters can be
specified at this boundary. The magnetic field is given by the
Parker spiral magnetic field (Parker 1958).

We assume that the magnetic axis is aligned with the solar
rotation axis. The solar wind flow at the inner boundary is
assumed to be spherically symmetric. The coordinate system is
such that the z-axis is parallel to the solar rotation axis, the
x-axis is 5◦ above the direction of interstellar flow, and y
completes the right-handed coordinate system.

We use a monopole configuration for the solar magnetic
field. This description while capturing the topology of the field
line does not capture its change of polarity with solar cycle or
across the heliospheric current sheet. This choice, however,
minimizes artificial reconnection effects, especially in the
heliospheric current sheet. Such a procedure was used by other
groups (e.g., Izmodenov & Alexashov 2015; Zirnstein et al.
2016). We chose the solar field polarity that corresponds to
solar cycle 24, with the azimuthal angle λ (between the radial
and T directions in heliospheric coordinates) 270◦ in the north
and south. The interstellar magnetic field has a T component of
270◦ as detected by Voyager 1. Such a configuration minimizes
reconnection at the nose (Figure 1(a)).

Here, we show results from two different simulations with
different orientations for the BISM. Model A has the BISM in the
hydrogen deflection plane ( 34 .7� n and 57 .9n in ecliptic latitude
and longitude, respectively) consistent with the measurements
of deflection of He atoms with respect to the H atoms
(Lallement et al. 2005, 2010). Model B is the one used in works
that constrain the orientation of BISM based on the circularity of
the IBEX ribbon and the ribbon location (Zirnstein et al. 2016;

34 .62� n and 47 .3n in ecliptic latitude and longitude, respec-
tively). The specific orientation of BISM for the present Letter is
not important since the solar wind conditions are idealized so
the exact shape of the heliosphere is not important. The main
point of this Letter depends on the fact that the interstellar field
is highly inclined to the east–west direction, which is true for
both cases.

Model A has v 26.4 km sISM
1� � , n 0.06 cmISM

3� � , and
T 6519 KISM � . Model B has v 25.4 km sISM

1� � , nISM �
0.0925 cm 3� , and T 7500 KISM � . The magnitude of BISM is
4.4nT (model A) and 2.93 nT (model B). The number density
of H atoms in the ISM is n 0.18 cmH

3� � (model A) and
n 0.155 cmH

3� � (model B).
Models A and B were run to 260,000 time steps, which

corresponds to 231 years with 9.11 107q cells with a
resolution equivalent to the one used in Opher et al. (2016)
with a minimum grid resolution of 0.37 au near the HP and
93.75 au farther out. For Model B we then used Adaptive Mesh
Refinement to create a high-resolution grid around the HP
(0.36 au at the HP and 0.18 au along the Voyager 1 trajectory)
resulting in 2.4 109q cells. The HP is defined as a temperature
iso-surface with T 2.683 10 K5� q (Figure 1(a)).

3. Reconnection and Transport and Convection of the
Interstellar Magnetic Field

We recently found that the magnetic tension of the solar
magnetic field plays a crucial role in organizing the solar wind
(Opher et al. 2015; Drake et al. 2015) in the heliosheath into
two jet-like structures. The heliosphere then has a “croissant-
like shape” where the distance to the HP downtail is almost the
same as toward the nose. This new view is vastly different from
the standard picture of the heliosphere as a comet-shape-like
structure with the tail extending for thousands of au.
However, we argue here that the detailed of the shape of the

heliosphere far downstream is less important than the
orientation of the solar magnetic field as it convects down-
stream, which is the same in all of the global models. As shown

Figure 1. Pattern of convection and transport of the interstellar magnetic field
lines around the heliosphere. The left column show a series of cartoons, while
the right-hand column shows magnetic field lines taken from the 3D MHD
simulation that exemplify each cartoon. The solar magnetic field is shown in
red, while the interstellar magnetic field is shown in black. The heliopause is
shown in the 3D MHD simulation by an iso-surface of temperature
T 2.683 10 K5� q in green and in gray in the cartoon (left column). The
yellow circle indicates the reconnection site. The MHD model used here is
model A.
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Two family lines:
Red: connected to reconnection site in the 

flanks
Green: rotation towards the BISM

Issue is how the field 
will drape from the HP
to the pristine

direction and value
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The Future

• Sufficient power until the year 2030
• Voyagers will then wander the Milky Way
• Voyager 1 within 1.6 light years of the star Gliese 445 in 40,000 

years
• Voyager 2 within 1.7 light years of Ross in 40,000 years






